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ABSTRACT
Massive stars lose a significant fraction of mass during their evolution. However, the corresponding mass-loss rates are rather un-
certain, especially for evolved stars. To improve this, we calculated global line-driven wind models for Galactic B supergiants. Our
models predict radial wind structure and particularly the mass-loss rates and terminal velocities directly from basic stellar parameters.
The hydrodynamic structure of the flow is consistently determined from the photosphere in nearly hydrostatic equilibrium to super-
sonically expanding wind. The radiative force is derived from the solution of the radiative transfer equation in the comoving frame.
We provide a simple formula that predicts theoretical mass-loss rates as a function of stellar luminosity and effective temperature.
The mass-loss rate of B supergiants slightly decreases with temperature down to about 22.5 kK, where the region of recombination of
Fe IV to Fe III starts to appear. In this region, which is about 5 kK wide, the mass-loss rate gradually increases by a factor of about 6.
The increase of the mass-loss rate is associated with a gradual decrease of terminal velocities by a factor of about 2. We compared the
predicted wind parameters with observations. While the observed wind terminal velocities are reasonably reproduced by the models,
the situation with mass-loss rates is less clear. The mass-loss rates derived from observations that are uncorrected for clumping are
by a factor of 3 to 9 higher than our predictions on cool and hot sides of the studied sample, respectively. These observations can be
reconciled with theory assuming a temperature-dependent clumping factor that is decreasing toward lower effective temperatures. On
the other hand, the mass-loss rate estimates that are not sensitive to clumping agree with our predictions much better. Our predictions
are by a factor of about 10 lower than the values currently used in evolutionary models appealing for reconsideration of the role of
winds in the stellar evolution.
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1. Introduction
One of the most important challenges of stellar astrophysics is
to determine the fate of single stars as a function of initial stellar
parameters. While for low- and intermediate-mass stars (M .
8 M⊙) the final remnant is a white dwarf (Vassiliadis & Wood
1994; Miller Bertolami 2016), the endpoint of evolution of mas-
sive stars is either a neutron star or a black hole depending
on the initial parameters and evolutionary history of a star
(Woosley et al. 2002; Pejcha & Thompson 2015).
Mass loss is one of the most important processes that af-
fects the stellar evolution and mass of final stellar remnants. The
source of the first ever detected gravitational wave emission may
serve as a striking example (Abbott et al. 2016). As a result of
mass loss, a typical mass of a black hole in our Galaxy is on the
order of a solar mass (e.g., Torres et al. 2020; Yungelson et al.
2020), but the mass of each detected merging black hole was
significantly higher, of about 30 M⊙. It is likely that the mass
loss of binary black hole progenitors was partially suppressed,
either as a result of low metallicity or by magnetic field quench-
ing (Petit et al. 2017).
The importance of mass loss goes beyond its influence
on the stellar evolution. The mass-loss rate determines the
dynamical effect of massive stars on interstellar medium
(Castor et al. 1975a) and the amount of elements distributed
across the galaxies (Pauldrach et al. 2012). Wind blanketing
⋆ Astronomický ústav, Akademie věd České republiky
modifies the number of ionizing photons produced by massive
stars (Abbott & Hummer 1985).
Despite the progress in understanding mass loss from
massive stars (Puls et al. 2008, for a review) and its impor-
tance, the exact rates are still rather uncertain. From a the-
oretical point of view, this is connected with extreme intri-
cacies of reliable hot star wind models. First of all, mass-
loss rate predictions require advanced global models that cal-
culate the radiative force using detailed radiative transfer
(Gräfener & Hamann 2008; Sander et al. 2017; Krtička & Kubát
2017; Sundqvist et al. 2019). Moreover, hydrodynamical mod-
els predict strong instability connected with radiative driving
(Owocki et al. 1988; Feldmeier & Thomas 2017). For strong
base perturbations, the inhomogeneities already appear at the
base of the wind (Feldmeier et al. 1997). This further modi-
fies theoretically predicted mass-loss rates (Muijres et al. 2011;
Krtička et al. 2018).
Neither observational indicator provides a reliable way to
determine the mass-loss rates. There are several methods to
determine the mass-loss rates from observations, but each ob-
servational characteristic is in its specific way influenced by
small-scale inhomogeneities (clumping). The shape of X-ray
line profiles is affected by absorption in the cool wind. There-
fore, X-ray line profiles provide a measure of the wind mass-
loss rate (Cohen et al. 2014), which is not expected to be sig-
nificantly influenced by optically thin clumps (Carneiro et al.
2016; Krtička et al. 2018). However, the shape of X-ray line
profiles may be affected by clumps that are optically thick
(Feldmeier et al. 2003).
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The strength of the ultraviolet wind P Cygni line profiles,
which are also frequently used to determine the mass-loss rate,
is also affected by optically thick and optically thin inhomo-
geneities (Sundqvist et al. 2010, 2011; Šurlan et al. 2012). How-
ever, a simultaneous fit of several wind lines provides a way to
independently determine both mass-loss rates and clumping pa-
rameters (Šurlan et al. 2013). These may be combined with the
rates determined from Hα line and from radio emission, which
are also severely affected by clumping (Puls et al. 2006). In such
a situation, alternative mass-loss rate determinations based on
the interaction of the wind with the circumstellar environment
(Henney & Arthur 2019; Kobulnicky et al. 2019) may provide
estimates that are free of the influence of inhomogeneities.
The realm of B supergiants is affected by uncertainties of
mass-loss rates even more, partly because of a lack of obser-
vational estimates that account for clumping. Although the B
supergiants represent a relatively short-lived evolutionary stage,
the mass loss during the B supergiant phase may have a signif-
icant impact on the evolution of mass and angular momentum
of massive stars (Keszthelyi et al. 2017). Massive stars typically
lose more mass in later evolutionary phases than during early
stages as O-type stars (Groh et al. 2014, who compiled mass-
loss rate predictions from several sources). The domain of B
supergiants is important for the evolution of core-collapse su-
pernova progenitors. While B supergiants that are direct descen-
dants of main-sequence stars are not expected to be immedi-
ate progenitors of supernovae, most stars that have exploded as
core-collapse supernova also had been supergiants in the past,
and more massive stars may pass the evolutionary stage of B
supergiants even twice (Groh et al. 2013; Saio et al. 2013). To
improve the situation with B supergiant mass-loss rate estimates,
we provide global wind models of these stars to consistently pre-
dict the wind properties.
2. Wind models
To model B supergiants, we used the METUJE wind models
described by Krtička & Kubát (2017). The models were calcu-
lated with the following basic assumptions: a) We assumed a
spherically symmetric and stationary stellar wind. b) The models
self-consistently solved the same equations (continuity equation,
equation of motion, energy equation, radiative transfer equation,
and kinetic equilibrium equations) in the photosphere and in the
wind (global models). c) We solved radiative transfer in the co-
moving frame (CMF; Mihalas et al. 1975); d) The atomic level
occupation numbers were derived from the kinetic equilibrium
equations (Hubeny & Mihalas 2014, Chapter 9) with bound-free
terms calculated from the CMF radiative field and bound-bound
terms with the Sobolev approximation (Klein & Castor 1978).
e) Atomic data for the solution of kinetic equilibrium equations
was adopted mostly from the TLUSTY models (Lanz & Hubeny
2007) with some updates from the Opacity and Iron Project data
(Seaton et al. 1992; Hummer et al. 1993). f) The models account
for the most abundant elements given in Krtička et al. (2020), as-
suming solar chemical composition after Asplund et al. (2009).
g) The wind density was derived from continuum equation. h)
The wind velocity was determined from the equation of mo-
tion with the radiative force due to continuum and line transi-
tions. i) The temperature was derived from the radiative equi-
librium equation either in integral or differential form in the
photosphere (Kubát 1996), while the model calculates the ra-
diative heating/cooling using the thermal balance of electrons
method (Kubát et al. 1999). j) The wind density, temperature,
Table 1. Stellar parameters of the model grid with derived values of the
terminal velocity v∞ and the mass-loss rate Ṁ.
Model Teff R∗ v∞ Ṁ
[K] [R⊙] [km s−1] [M⊙ yr−1]
M = 25 M⊙, log(L/L⊙) = 5.28, Γ = 0.18
275-25 27500 19.3 1890 9.1 × 10−8
250-25 25000 23.3 1640 7.5 × 10−8
225-25 22500 28.8 1130 7.4 × 10−8
200-25 20000 36.4 760 7.9 × 10−8
175-25 17500 47.6 570 1.4 × 10−7
150-25 15000 64.8 510 3.1 × 10−7
125-25 12500 93.3 120 1.7 × 10−7
100-25 10000 146 480 8.8 × 10−9
M = 40 M⊙, log(L/L⊙) = 5.66, Γ = 0.27
275-40 27500 29.9 1300 3.4 × 10−7
250-40 25000 36.1 1600 2.0 × 10−7
225-40 22500 44.6 1160 2.0 × 10−7
200-40 20000 56.4 700 2.6 × 10−7
175-40 17500 73.7 630 6.3 × 10−7
150-40 15000 100 110 1.5 × 10−6
125-40 12500 145 80 6.6 × 10−7
100-40 10000 226 410 2.9 × 10−8
M = 60 M⊙, log(L/L⊙) = 5.88, Γ = 0.30
275-60 27500 38.5 1240 6.1 × 10−7
250-60 25000 46.5 1850 3.2 × 10−7
225-60 22500 57.5 1000 3.4 × 10−7
200-60 20000 72.7 760 4.3 × 10−7
175-60 17500 95.0 820 1.2 × 10−6
150-60 15000 129 490 2.1 × 10−6
125-60 12500 186 110 1.3 × 10−6
100-60 10000 291 120 6.8 × 10−8
and velocity were determined simultaneously using Newton-
Raphson method and iterations. We used the TLUSTY plane-
parallel static model atmospheres (Lanz & Hubeny 2003, 2007)
to derive the initial estimate of the photospheric structure.
The models were calculated for a grid of stellar temperatures
Teff = 10 000− 27 500 K covering the spectral range of B super-
giants for three values of the stellar luminosity L (or mass M).
The parameters given in Table 1 (supplemented by stellar radii
R∗ and Eddington parameters1 Γ) correspond to typical observa-
tional values given in Crowther et al. (2006).
To understand the influence of small-scale inhomogeneities
(clumping) on the derived parameters, we calculated an addi-
tional set of models that account for optically thin inhomo-
geneities (for details see Krtička et al. 2018). The clumping is
parameterized by a clumping factor, which is introduced as
Cc = 〈ρ2〉/〈ρ〉2, and where the angle brackets denote the aver-
age over volume. The value of Cc = 1 corresponds to a smooth
flow. We adopted the empirical radial clumping stratification
from Najarro et al. (2009) and Bouret et al. (2012)
Cc(r) = C1 + (1 −C1) e−
v(r)
C2 , (1)
where C1 is the clumping factor and the velocity C2 determines
the location of the onset of clumping. We adopted C1 = 10 close
to the value for which the empirical Hα mass-loss rates of O
stars agree with observations (Krtička & Kubát 2017) and C2 =
1 The ratio of the radiative acceleration from electron scattering to the
stellar gravity (the quantity 1 − β in Eddington 1921).
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Table 2. Fit parameters (in Eq. (2)) of the velocity of unclumped model
and derived values of the terminal velocity v∞ and mass-loss rate Ṁ for
the model with clumping for Cc = 10.
Model Parameters of the velocity fit Cc = 10
31 32 33 γ v∞ Ṁ
275-25 3525 −1492 1.041 1950 1.0 × 10−7
250-25 4479 −3038 1.051 1550 8.7 × 10−8
225-25 3676 −3025 1.061 990 1.0 × 10−7
200-25 2077 −1409 1.060 930 1.6 × 10−7
175-25 832 −139 1.066 810 3.7 × 10−7
150-25 765 −115 1.070 430 4.9 × 10−7
125-25 618 −1408 1115 1.090 110 1.8 × 10−7
100-25 986 −488 1.132 510 9.1 × 10−9
275-40 2504 −1072 1.061 1280 3.9 × 10−7
250-40 3939 −2389 1.064 1630 2.4 × 10−7
225-40 2908 −1791 1.073 1160 3.1 × 10−7
200-40 1313 −522 1.076 1150 7.3 × 10−7
175-40 752 162 1.073 720 1.5 × 10−6
150-40 632 −1390 1034 1.100 120 1.9 × 10−6
125-40 775 −3375 5414 1.107 80 7.2 × 10−7
100-40 957 −488 1.166 510 3.1 × 10−8
275-60 2527 −1093 1.061 1170 7.2 × 10−7
250-60 4293 −2377 1.067 1940 3.6 × 10−7
225-60 2812 −1960 1.070 1180 6.0 × 10−7
200-60 1423 −514 1.072 1200 1.3 × 10−6
175-60 890 96 1.071 750 2.8 × 10−6
150-60 793 −152 1.068 510 2.7 × 10−6
125-60 780 −2220 2183 1.090 110 1.4 × 10−6
100-60 728 −1762 1452 1.145 100 7.0 × 10−8
Notes. Unit of velocities v1, v2, v3, and v∞ is km s−1 and the unit of
mass-loss rate is M⊙ yr−1.
100 km s−1, which is a typical value derived in Najarro et al.
(2009). In Eq. (1) we insert the fit of the velocity of the un-
clumped wind (Cc = 1) in an improved polynomial form of










where 3i and γ are parameters of the fit given in Table 2. We note
that this formula gives a more precise fit to the radius dependence
of velocity calculated by the solution of hydrodynamic equations
than the commonly used β-velocity law for any β.
3. Calculated wind models
Table 1 lists the input parameters of wind models and corre-
sponding wind parameters calculated without clumping. The
wind mass-loss rate Ṁ scales mostly with the stellar luminosity.
At fixed luminosity, the mass-loss rate slightly decreases with
decreasing effective temperature down to about Teff = 22.5 kK
(Fig. 1, see also Vink 2018). This trend can be explained by
a gradual shift of the emergent flux from the ultraviolet re-
gion (where most of driving lines appear) to the visible region
(Vink et al. 2000; Krtička et al. 2020). Around Teff = 20 kK the
mass-loss rate increases by a factor of about 6 (Pauldrach & Puls
1990). This rise of the mass-loss rate is usually referred to
as a bistability jump. It is caused by the iron recombination


























Fig. 1. Mass-loss rates Ṁ without clumping predicted by our models as




































Fig. 2. Relative contribution of individual elements to the line radiative
force at the wind critical point. Plotted as a function of the stellar effec-
tive temperature for models with M = 40 M⊙. The thick blue line plots





fi), where zi is the ionization state of ion i and fi
is its contribution to the line radiative force. This plot was derived in a
simplified way using the Sobolev approximation.
Table 3. Parameters of the fit of the mass-loss rate in Eq. (3).
a b c T1 T2 ∆T1 ∆T2
[kK]
−24.228 1.50 5.82 14.1 37.3 4.88 58.8
(Vink et al. 1999; Vink 2018). The increase of the mass-loss rate
is not instantaneous, but gradual in the interval of about 5 kK.
The mass-loss rates of B supergiants and O stars from
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Table 4. Parameters of the fit of the ratio of the terminal velocity to the
escape speed in Eq. (4).
v+ v− T0 [kK] ∆T [kK]
3.0 0.7 20.7 3.3
The parameters of the fit are given in Table 3. The fit provides an
approximation for predicted mass-loss rates with a typical error
of about 20 %.
The temperature variations of the mass-loss rate can be also
described using Fig. 2, which plots the contribution of individ-
ual elements to the line radiative force and the mean ioniza-
tion degree contributing to that force. For higher temperatures,
Teff > 20 kK, the wind is driven mostly by lighter elements
C, Si, P, and S. As the wind ionization decreases with decreas-
ing temperature for Teff < 20 kK, iron recombines from Fe IV
to Fe III and takes over most of the wind acceleration. This re-
sults in a strong increase of the mass-loss rate explaining the
“bistability-jump” behavior of hot star winds (Pauldrach & Puls
1990; Vink et al. 1999).
Table 2 gives the parameters of the fit of the wind velocity
via Eq. (2). In most cases, the wind velocity is only described
precisely enough by two velocity parameters, v1 and v2. The pa-
rameter γ is always close to 1. This means that the size of nearly
hydrostatic photosphere, which is about (γ − 1)R∗, is relatively
small despite the supergiant classification of all model stars. This
can also be described in terms of the ratio of the density scale
height H to the stellar radius, H/R∗ ∼ Teff/(gR∗), which scales as
H/R∗ ∼ 1/Teff for stars at a constant luminosity. Therefore, this
ratio varies roughly by a factor of about 3 for studied stars and
does not exceed 0.1, as can also be seen from variation of param-
eter γ − 1 with temperature in Table 2. This differs from central
stars of planetary nebulae, which also evolve at constant lumi-
nosity, but which have significantly lower radii, consequently,
for cool central stars of planetary nebulae the atmospheric den-
sity scale height is comparable with their radius (Krtička et al.
2020).
Wind terminal velocity v∞ is predicted to be proportional to
the escape speed vesc (Castor et al. 1975b). For stars at fixed lu-
minosity, the stellar radius increases with decreasing effective
temperature. Therefore, the escape speed and wind terminal ve-
locity become lower for cooler stars. However, the predicted re-
lation between v∞ and vesc is more complex. The wind terminal
velocity significantly decreases with temperature especially in
the region around Teff = 20 kK (Vink 2018). The decrease of the
wind terminal velocity in this region can be explained from the
point of view of the line strength distribution function (Puls et al.
2000, see also Appendix B). With decreasing temperature, wind
becomes progressively more accelerated by the iron lines (corre-
sponding to lower α in Fig. B.1). These lines are weaker than the
lines of lighter elements, many of which become optically thin
in the outer wind region and therefore do not accelerate the wind
so efficiently to high terminal velocities.
On average, the ratio of wind terminal velocity and escape
















where the fit parameters v+ and v− correspond to the limit of ratio
at the hot and cool end of the grid, T0 corresponds to the jump
temperature, and ∆T to the width of the jump. The parameters
derived from the fit of our numerical results are given in Table 4.







H I He I He II H I He I He II
275-25 22.88 20.31 11.78 22.08 19.61 10.01
250-25 22.28 19.31 10.21 21.58 18.81 8.88
225-25 21.60 18.23 8.63 21.37 18.34 7.74
200-25 20.70 16.87 6.57 21.11 17.94 6.39
175-25 19.76 15.45 4.13 21.10 17.11 2.36
150-25 18.86 14.04 0.84 20.93 16.36 0.51
125-25 17.77 12.05 20.10 13.63
100-25 15.70 8.78 18.01 9.81
275-40 23.09 20.64 12.12 22.66 20.25 10.72
250-40 22.55 19.69 10.62 21.59 18.74 8.60
225-40 21.84 18.54 8.89 21.35 18.21 7.32
200-40 20.96 17.20 6.91 21.22 17.82 5.42
175-40 19.88 15.58 4.28 21.31 16.98 2.49
150-40 18.94 14.13 0.73 20.78 13.70 1.24
125-40 17.88 12.18 20.06 13.99 0.74
100-40 15.92 8.99 18.06 9.85
275-60 23.13 20.73 12.21 22.73 20.35 10.84
250-60 22.62 19.79 10.71 21.63 18.78 8.62
225-60 21.91 18.64 8.95 21.37 18.18 7.30
200-60 21.06 17.33 7.04 21.22 17.77 5.33
175-60 19.93 15.64 4.34 21.29 16.56 1.08
150-60 18.97 14.16 0.70 20.89 15.93 0.88
125-60 17.90 12.21 20.09 13.24
100-60 13.84 5.07 18.24 9.81
The terminal velocity is around 100 km s−1 for many models
with Teff . 12.5 kK. This velocity could correspond to the slow
(subcritical) solutions of line-driven wind (Castor et al. 1975b).
In most models, we are able to discriminate between slow and
fast solutions (see Fig. 4a in Abbott 1980) except at low effective
temperatures, where the fast solution approaches the slow solu-
tion. We were unable to find the faster solutions at low tempera-
tures, consequently, the real terminal velocities could be slightly
higher.
In Fig. 3 we compare emergent fluxes calculated using our
global models with fluxes derived from static plane-parallel pho-
tosphere models. These fluxes nicely agree below the Lyman
jump, because this part of continuum originates in hydrostatic
photosphere (Gabler et al. 1989). The fluxes in this part of spec-
tra differ only in the atmospheres with very low gravity, where
the effect of sphericity becomes important (Kunasz et al. 1975;
Gruschinske & Kudritzki 1979; Gabler et al. 1989; Kubát 1996,
1997). The fluxes from hydrostatic and global models signifi-
cantly differ for frequencies higher than the Lyman jump, be-
cause at high frequencies the continuum formation region moves
into the wind.
With decreasing effective temperature, the ionizing flux in
general decreases. However, there are significant differences be-
tween far-ultraviolet fluxes from the static plane-parallel models
and global models with winds, which can to a large extent be
explained by the temperature bump appearing at low Rosseland
optical depths. This bump results from the Doppler shift of line
centers from their static positions leading to enhanced heating of
the gas (Gabler et al. 1989). Further discussion of this interesting
effect is given in Puls et al. (2005). At the highest effective tem-
peratures considered in our grid, the far-ultraviolet continuum
of global models forms in the regions with lower temperature
than in hydrostatic models (below the temperature bump), there-
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Fig. 3. Comparison of the emergent fluxes from the plane-parallel TLUSTY (black line) and global METUJE (blue line) models smoothed by a
Gaussian filter. Stellar wind modifies the flux mostly above the Lyman jump. Plotted for selected models from Table 1 (denoted in the plots).
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fore the flux in Lyman and He I continuum is lower in global
models. Around Teff ≈ 20 kK the temperature bump with nearly
constant temperature becomes extended and as a result the jump
at 5.9 × 1015 s−1 due to He I disappears. For even lower effec-
tive temperature the continuum forms in the region of the bump,
which is hotter than the corresponding region of the static plane-
parallel atmosphere, consequently, the far-ultraviolet flux also
becomes higher.
The difference between emergent fluxes calculated from the
plane-parallel and global model atmospheres also appears in the







given in Table 5. In this equation, Hν is the Eddington flux and
the ionization frequency ν0 stands for the ionization frequencies
of H I, He I, and He II. While for hotter stars Teff & 40 kK the
plane-parallel models give a reasonable estimate of number of
H I and He I ionizing photons (Krtička et al. 2020), for early B
supergiants the plane-parallel models overestimate the ionizing
fluxes and for late B supergiants underestimate ionizing fluxes
with respect to global models. At the hot end, the predicted
number of ionizing photons corresponds to extrapolated results
for O supergiants from Puls et al. (2005) and from Martins et al.
(2005a). Our ionizing fluxes slightly differ from those derived
by Smith et al. (2002) from WM-BASIC models.
Wind parameters predicted from models calculated with
clumping after Eq. (1) are given in Table 2. Clumping increases
the mass-loss rate because it favors recombination and ions with
lower charge drive wind more efficiently (Muijres et al. 2011;
Krtička et al. 2018). From the results in Table 2, the wind mass-
loss rates increase with clumping on average as C0.2c . The ef-
fect of clumping is weaker than in O supergiants, in which the
mass-loss rate scales with clumping as Ṁ ∼ C0.4c (Krtička et al.
2018). The lower sensitivity of the mass-loss rate to clump-
ing is connected with the fact that radiative force in the range
22.5 − 27.5 kK is typically dominated by single ionization state
for most elements, therefore clumping does not significantly
vary the redistribution of the force among individual ionization
states. On the other hand, with clumping the increase of mass-
loss rate resulting from iron recombination appears at higher ef-
fective temperatures because the clumping shifts the onset of the
recombination from Fe IV to Fe III.
We further tested the influence of C2 parameter in Eq. (1)
to understand whether a weaker sensitivity to clumping is con-
nected with the value of this parameter, which determines the
position of the onset of clumping. The tests showed that this is
not the case. For most models, a lower parameter C2 = 30 km s−1
leads just to a slight increase of the wind mass-loss rate.
4. Comparison with observations and other
theoretical models
The test of predicted wind mass-loss rates against the obser-
vations is not straightforward owing to the effect of clump-
ing on the observational wind indicators. Small-scale wind in-
homogeneities (clumping) are expected as a consequence of
strong radiatively driven wind instability (Owocki et al. 1988;
Feldmeier et al. 1997; Feldmeier & Thomas 2017). Clumping
shifts the ionization equilibrium (Hamann & Koesterke 1998;
Bouret et al. 2003; Martins et al. 2005b; Puls et al. 2006) as a
result of stronger recombination in overdense regions. This af-















Fig. 4. Ratio of published mass-loss rates derived from observa-
tions using analysis that neglects clumping (Ṁlit), and mass-loss rates
predicted using Eq. (3), plotted as a function of effective temper-
ature Teff for B supergiants. The observations include Balmer line
(mostly Hα) mass-loss rates of Galactic B supergiants (Kudritzki et al.
1999; Crowther et al. 2006; Lefever et al. 2007; Markova & Puls 2008;
Haucke et al. 2018, red plus symbols), Hα mass-loss rates of B
supergiants from the Small Magellanic Cloud (Evans et al. 2004;
Trundle et al. 2004; Trundle & Lennon 2005, red triangles) scaled ac-
cording to Ṁ ∼ Z0.59 (Krtička & Kubát 2018), and mass-loss rates from
radio data (Scuderi et al. 1998; Benaglia et al. 2007, violet squares).
The ratios of the predictions of Vink et al. (2001) to our predictions for
three different luminosities are overplotted (solid gray lines). Plotted
with v/vesc = 2 for Teff ≥ 20 kK and with v/vesc = 1.3 for Teff ≤ 20 kK.
line, ultraviolet wind lines, and infrared and radio excess. The
inferred values of wind mass-loss rates spoiled by stronger re-
combination can be corrected for clumping by multiplication by
the factor of 1/C1/2c . However, this simple scaling breaks down
in the case of clumps that are optically thick either in contin-
uum (Feldmeier et al. 2003) or in lines (Oskinova et al. 2007;
Sundqvist et al. 2010, 2011; Šurlan et al. 2012, 2013).
Fig. 4 compares predicted mass-loss rates with results de-
rived from Balmer lines and mass-loss rates from radio data.
None of these observational estimates account for clumping. For
stars with Teff > 20 kK, the observational results are roughly by
a factor of 9 higher than the predicted values. Assuming that the
observational results should be scaled down by a factor of
√
Cc
and that the predicted result increase by a factor of C0.2c , the ob-
servational and predicted values would agree for a higher value
of Cc than we used in our models, namely Cc = 24.
For stars with Teff < 20 kK, the agreement between the ob-
servational and predicted mass-loss rates is better (Fig. 4). Al-
though there is a group of stars that show mass-loss rates sig-
nificantly above the theoretical predictions, the ratio of obser-
vational and theoretical mass-loss rates decreases as a function
of effective temperature and approaches 1 around the mass-loss
rate maximum at about Teff = 15 kK. This implies that a lower
clumping factor of Cc = 5 (on average) is required to bring ob-
servations and theory to agreement. This conclusion agrees with
the results derived from the CMFGEN code (Petrov et al. 2014),
according to which the Hα line is only weakly sensitive to (op-
tically thin) clumping for cool B supergiants. Therefore, the Hα
mass-loss rates should be close to the theoretical expectations.
Besides determinations that are sensitive to clumping, there
are methods that yield mass-loss rates that are either indepen-
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Fig. 5. Ratio of observational (Ṁlit) and predicted (Ṁ) mass-loss rates
as a function of effective temperature Teff for B supergiants. Only ob-
servational mass-loss rates that are either independent of clumping
or were corrected for clumping in some way are plotted. The obser-
vational results are based on X-ray line profiles (Puebla et al. 2016),
UV spectrum analysis with clumping (Hainich et al. 2020), and wind
bow shocks (Kobulnicky et al. 2019). The gray lines denote predictions
of Petrov et al. (2016) for different luminosities and masses and the
gray squares correspond to predictions of Björklund et al. (2020) and
Teff = 27 500 K.
dent of clumping or can be corrected for clumping. Such rates
are plotted in Fig. 5. We plot the mass-loss rate (for ǫ Ori)
derived from X-ray line profiles (Puebla et al. 2016), which is
independent of the effect of optically thin clumps, but may
be affected by optically thick inhomogeneities (Feldmeier et al.
2003). Fig. 5 also includes mass-loss rates of B supergiant com-
ponents of high-mass X-ray binaries determined from UV line
profiles corrected for optically thin clumps (Hainich et al. 2020)
and mass-loss rates of B supergiants derived from stellar bow
shocks (Kobulnicky et al. 2019). On average, these observational
estimates are by a factor of 1.4 higher than our predictions (dis-
regarding a star with Teff = 20 kK). Therefore, the observational
mass-loss rates that are not affected by clumping agree much bet-
ter with our predictions, although significant discrepancies exist
even here.
Figures 4 and 5 also compare our results with predictions
of Vink et al. (2001), Petrov et al. (2016), and Björklund et al.
(2020). From Fig. 4 it follows that our predicted mass-loss rates
are significantly lower than predictions of Vink et al. (2001) by
a factor of 13 and 8 for the models with Teff > 20 kK and
Teff < 20 kK, respectively. This difference can be attributed to
the effect of line overlaps and to the Sobolev approximation used
by Vink et al. to calculate the line force (Krtička & Kubát 2017).
The latter is demonstrated in Fig. 6, where we plot the ratio of
CMF and Sobolev line forces as a function of velocity. This ratio
is close to 1 for velocities on the order of a few thermal speeds,
which means that the Sobolev approximation is valid in that case.
However, the ratio shows a deep minimum around vr ≈ 0.1a (a
is a hydrogen thermal speed) owing to a positive source function
gradient near the photosphere (Krtička & Kubát 2010).
In Fig. 5 we also overplot mass-loss rates predicted using
modified CMFGEN models (Petrov et al. 2016). These models
adopt similar assumptions as our code. Their results nicely agree
with our predictions with an exception of the regions around














Fig. 6. Ratio of CMF line force and line force calculated using the
Sobolev approximation (denoted ad cCMF) as a function of velocity



















Fig. 7. Comparison of calculated and observed (Prinja & Massa 2013)
Si IV ionization fractions. The observed product of the Si IV ioniza-
tion fraction and mass-loss rate q(Si IV)Ṁ was divided by the predicted
mass-loss rate to obtain the Si IV ionization fraction. The calculated ion-
ization fractions are plotted with (Cc = 10) and without (Cc = 1) clump-
ing for v = 0.9 v∞.
larger mass-loss rates possibly due to evolutionally earlier (i.e.,
for higher temperatures) onset of iron recombination connected
with the inclusion of clumping. Björklund et al. (2020) predict
mass-loss rates from the global version of the FASTWIND code
with CMF line force. Their model assumptions are very similar
to ours, however their models were calculated for O stars. Still,
there is a near overlap of the grids around Teff ≈ 28 kK, where
the predictions reasonably agree.
Clumps may directly affect the radiative transfer when they
become optically thick (termed porosity and vorosity). This
leads to an effectively gray opacity of clumped media and
an underestimation of mass-loss rates derived from ultravio-
let P Cygni line profiles (Oskinova et al. 2007; Sundqvist et al.
2011; Šurlan et al. 2013). Therefore, ratio of wind strengths of
resonance doublet components can be used to test the effect of
clumping (Prinja & Massa 2010). If the ratio is close to the ra-
Article number, page 7 of 13















Fig. 8. Comparison of calculated and observed (Crowther et al. 2006)
ratios of the wind terminal velocity and surface escape velocity. The
dashed lines denote a mean relationship of Lamers et al. (1995) and the
dotted blue line denotes mean predicted ratio according to Eq. (4).
tio of oscillator strengths, then the porosity is negligible, while
when it is equal to 1, then the porosity is significant.
Prinja & Massa (2013) applied this method to narrow ab-
sorption components, which appear close to the blue edge of
P Cygni line profiles due to accumulation of discrete absorption
components. These authors concluded that these narrow absorp-
tion components are not affected by porosity in B supergiants
and, consequently, are suitable for the mass-loss rate determi-
nation and they estimated the product of ionization fraction and
mass-loss rate for studied stars, q(Si IV)Ṁ. In Fig. 7 we plot these
values for the stars for which we derived luminosities either
from the literature (Kudritzki et al. 1999; Crowther et al. 2006;
Lefever et al. 2007; Haucke et al. 2018) or determined using ab-
solute magnitudes from Kaltcheva et al. (2020) and bolometric
corrections of Crowther et al. (2006). The observational values
are plotted relative to the predicted mass-loss rate Ṁ and com-
pared to predicted ionization fractions. The observational values
of q(Si IV)Ṁ are significantly lower than predictions for stars at
the hot side of the studied region, where Si IV is a dominant ion-
ization stage. With decreasing effective temperature, silicon re-
combines from Si IV to Si III, improving the agreement between
observations and theory for lower effective temperatures. The re-
combination is stronger with clumping, which explains the bet-
ter agreement between the theory and observations in Fig. 7 with
clumping in some cases. The huge disagreement at the high ef-
fective temperatures is most likely caused by X-rays, which sig-
nificantly affect the Si IV ionization fraction (Krtička & Kubát
2009; Carneiro et al. 2016). Moreover, the radiative transfer in
corotating interaction regions, where the narrow absorption com-
ponents are supposed to originate (Cranmer & Owocki 1996;
Lobel & Blomme 2008; David-Uraz et al. 2017), is complex.
Another problem is that only a small fraction of mass-loss is
carried by corotating interacting regions.
The models are able to reasonably reproduce the wind ter-
minal velocity. The wind terminal velocity is proportional to the
escape speed (Castor et al. 1975b), therefore the ratio of these
velocities does not show strong variations as a function of ef-
fective temperature. In Fig. 8 we compare the predicted ratio of
the terminal velocity and escape speed with values derived from


















































































Fig. 9. Comparison of theoretical spectra from our grid and ob-
served spectra of selected B supergiants. The observed IUE spec-
tra of HD 198478 (SWP 6335), HD 41117 (SWP 6338), HD 2905
(SWP 1814), and HD 37128 (SWP 8130) are plotted.
bistability jump, which agrees with observations (Lamers et al.
1995; Crowther et al. 2006) and theoretical calculations (Vink
2018).
To some extent, our models are also able predict the ob-
served spectra (see Fig. 9). The extent of the absorption part of
the P Cygni line profiles is reasonably reproduced. This means
that our models provide a reliable estimate of the terminal veloc-
ities. While the Si IV doublet is also typically reproduced well,
the C IV doublet is too weak for cooler stars. We note that the
comparison of individual observed spectra is done using our lim-
ited grid of models and we do not aim for a detailed analysis of
individual objects.
5. Discussion
5.1. Limitations of the models
There are several limitations of our models that may affect the
final results. The most obvious limitation is the insufficiently ac-
curate treatment of small-scale wind structures, which are typi-
cally nicknamed as the effect of clumping. Table 2 demonstrates
that optically thin inhomogeneities increase the predicted mass-
loss rates, while the optically thick inhomogeneities may have
the opposite effect, as described by Muijres et al. (2011).
For our modeling, we only account for elements with the
highest abundances, while other elements are neglected (see
Krtička et al. 2020, for the list). This is likely not a problem
for lighter elements such as Cl or K, which do not significantly
contribute to the radiative force (Sander et al. 2017). Iron-peak
elements could possibly contribute to the radiative force more
significantly as a result of their higher number of lines, but these
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elements typically have at least two orders of magnitude lower
abundance than iron and nickel, which are included in our mod-
els.
A potentially more significant problem may come from the
number of lines that are accounted for. Our line list is mostly
based on observed lines, while theoretical calculations give
much higher number of lines (Kurucz 2018). This is not a prob-
lem for lighter elements, for which the line list was updated to
include even lines that are not observed. However, for iron the
theoretical line list includes a number of lines that is two orders
of magnitude larger than our line list, which may give rise to a
larger error of the line force. To test this, we compared line force
calculated with shorter and longer iron line list and the differ-
ence was typically just few percent. Slightly larger differences
appeared in the photospheric region, thus possibly affecting the
structure of the photosphere slightly, but not the mass-loss rate.
Consequently, accounting for the longer line list does not signif-
icantly affect our results.
5.2. Bistability region
Theoretical models agree in the prediction of a jump in
wind mass-loss rates (Pauldrach & Puls 1990; Vink et al. 1999;
Petrov et al. 2016) and terminal velocities (Vink 2018) around
Teff ≈ 21 kK. This is called the bistability jump. Each of
these models applied different approximations to determine the
quantities characterizing the bistability jump, namely mass-loss
rates and terminal velocities, and yet derive comparable results.
Pauldrach & Puls (1990, who discovered the existence of the
jump) used force multipliers to determine the radiation force.
Vink et al. (1999) combined several codes and succeeded in
obtaining significantly improved values of predicted mass-loss
rates, and Petrov et al. (2016) additionally used the code CMF-
GEN with CMF radiative transfer. However, the observational
support for the bistability jump is less clear. While the gradual
decrease of terminal velocities in the bistability region (a region
of effective temperatures where the bistability jump appears)
is clearly supported by observations (see Fig. 8, Lamers et al.
1995; Crowther et al. 2006), the presence of a jump in mass-loss
rates is unclear (Crowther et al. 2006). There is an indication of
a presence of a jump in radio wind efficiencies (Benaglia et al.
2007). The variability of the mass-loss rates of luminous blue
variables during their variation cycles of S Doradus type can be
described using varying mass-loss rates in the bistability region
(Vink & de Koter 2002; Groh et al. 2011).
Our models are able to reproduce the observational behavior
of mass-loss rates provided that the clumping factor decreases
from about 24 at the hot side of the jump to about 5 at its
cool side. Stronger clumping (higher clumping factor) at the hot
side of the bistability region can be connected with decrease of
macroturbulent velocity with decreasing effective temperature
detected by Dufton et al. (2006) and Markova & Puls (2008). At
the cool side of the bistability region, the difference between pre-
dicted and observational mass-loss rates decreases with effective
temperature. The wind terminal velocity also decreases with de-
creasing effective temperature, possibly decreasing the amount
of clumping and as a result moderating the effect of clumping
on observational values (Driessen et al. 2019).
Theoretical models predict that the Hα line becomes opti-
cally thick for cool B supergiants, leading to the appearance
of the classical P Cygni line profile (Petrov et al. 2014). There-
fore, the line may become sensitive to optically thick clumping.
This could mean that observational Hα mass-loss rate determi-
nations are underestimated at the cool side of the bistability jump
because the lines become optically thick there (Sundqvist et al.
2011; Šurlan et al. 2013).
5.3. Evolutionary implications
Massive stars lose a significant fraction of their mass during the
evolutionary phases corresponding to luminous B stars. For ex-
ample, evolutionary models (employing Vink et al. (2001) mass-
loss rates) predict that a solar-metallicity star with an initial mass
of 60 M⊙ loses about 25 M⊙ during the evolutionary stage of B
supergiants (Groh et al. 2014). On the other hand, our models
were calculated for relatively low values of the Eddington pa-
rameter Γ ≈ 0.2 − 0.3 (see Table 1). When the star becomes a
luminous blue variable, it approaches the Eddington limit and its
mass-loss rate significantly increases (Gräfener et al. 2011; Vink
2018). To maintain a large total amount of mass lost during stel-
lar evolution, ehnanced mass loss close to the Eddington limit
can possibly compensate for lower values of mass-loss rates pre-
dicted in this work. Moreover, stars in a proximity of the Ed-
dington limit may have a strong porous optically thick outflow
(Shaviv 1998; Owocki et al. 2004) or may experience explosive
mass-loss events (Owocki et al. 2019).
Stars with a lower initial mass (. 30 M⊙) do not lose a sig-
nificant fraction of their mass as a result of line-driven winds
(Renzo et al. 2017). Consequently, the reduction of mass-loss
rates mentioned in this work might not be significant for the evo-
lution of these stars. On the other hand, the compactness of the
core of pre-supernova models is sensitive to mass-loss during
the hot evolutionary phase (Renzo et al. 2017). Compactness is
one of the parameters that determines an outcome of a supernova
explosion (O’Connor & Ott 2011; Ugliano et al. 2012).
Stars do not only lose mass via their winds, but also angu-
lar momentum. Vink et al. (2010) proposed that low observed
rotational velocities of cool B supergiants could be caused by
stronger angular momentum loss in the vicinity of the bistability
jump. Keszthelyi et al. (2017) tested several experimental wind
prescriptions and concluded that low rotational velocities of cool
B supergiants could be reproduced even with weaker mass-loss
rates, but with a bistability jump in mass-loss rates.
In the early evolutionary phases the wind velocity slows
down with decreasing effective temperature and while the star
passes the bistability region, the mass-loss rate increases. In later
evolutionary phases, for example during the Wolf-Rayet phase,
the wind velocity increases again. Consequently, the faster wind
in later evolutionary phases may collide with the wind from ear-
lier evolutionary phases and create circumstellar structures sim-
ilar to those found in planetary nebulae (Kwok et al. 1978).
5.4. Domains of radiatively driven mass loss
Abbott (1979) introduces two limits (static and wind limit,
see his Fig. 1) and discriminates between three zones in the
Hertzsprung-Russell diagram. Above the static limit, fully hy-
drostatic photospheres are not possible, the radiative force over-
comes gravity at some point, and the wind is self-initiated. Be-
low the static limit and above the wind limit, hydrostatic photo-
spheres are possible, therefore the wind is not self-initiated, but
it can be sustained. Therefore, two types of solutions exist in this
region. Below the wind limit, only hydrostatic photospheres are
possible and the chemically homogeneous wind does not exist.
To plot these wind domains in Fig. 10, we used the spectro-
scopic Hertzsprung-Russell diagram (Langer & Kudritzki 2014;
Castro et al. 2014) and overplotted the results of models from
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Fig. 10. Domains of radiatively driven mass loss in the spectro-
scopic Hertzsprung-Russell diagram. The domains were derived from
the balance of gravity and radiative force using the OSTAR2002 and
BSTAR2006 static model atmosphere grids (Lanz & Hubeny 2003,
2007, respectively). In this diagram, L = T 4eff/g. The red domain denotes
parameters where the hydrostatic photosphere is possible, the filled yel-
low region indicates the parameters where the hydrostatic photosphere
is possible and the radiative force overcomes gravity only in the last
point of model photosphere, and the blue area corresponds to the pa-
rameters where the hydrostatic photosphere is impossible. The white
area in the right and bottom parts of the figure reflects no corresponding
models exist in the static model atmosphere grids used. The blue crosses
denote locations of wind models from Table 1 and Krtička (2014). The
solar-metallicity evolutionary tracks of Ekström et al. (2012) are over-
plotted.
OSTAR2002 and BSTAR2006 static model atmosphere grids
(Lanz & Hubeny 2003, 2007). For high luminosities, static at-
mospheres are not possible, and the outer atmospheric levels ex-
pand triggering the wind. This case corresponds to the atmo-
spheres of B supergiants. However, for many B supergiants the
radiative force grad exceeds the magnitude of gravity g only in
single outermost layer of the model atmosphere. This layer may
be the subject of numerical inconsistencies, consequently, many
B supergiants may lie close to the static limit.
5.5. X-ray emission
Hot stars emit X-rays, which in most cases originate in
shocks thought to be caused by line driven wind instability
(Owocki et al. 1988; Feldmeier et al. 1997). In B supergiants,
the X-ray emission typically appears only in the earliest spec-
tral types up to about B3 (Berghoefer et al. 1997; Nazé 2009).
This roughly corresponds to the effective temperature of about
15 kK (Markova & Puls 2008).
The wind X-ray emission is powered by the wind kinetic en-
ergy. In Fig. 11 we plot the wind power Ṁv2∞/2 as a function of
the effective temperature. The wind power does not significantly
vary in hotter B supergiants even in the region of recombina-
tion of Fe IV to Fe III, where the increase of the mass-loss rate is
compensated by the decrease of the wind terminal velocity. On
the other hand, mostly as a result of a decrease of the wind ter-
minal velocity, the wind power significantly decreases between





































Fig. 11. Wind power (left axis) and shock temperature (right axis) as
functions of stellar effective temperature.
The temperature of the post-shock gas is proportional to
the square of the terminal velocity. As a result, with decreas-
ing effective temperature the post-shock gas temperature signif-
icantly decreases (Fig. 11) from about 5 MK for Teff = 17.5 kK
to about 200 kK for Teff = 12.5 kK (using velocities from Ta-
ble 1 and Eq. (1) of Owocki et al. 2013). Therefore, the X-
ray emission becomes negligible at such low temperatures (e.g.,
Raymond & Smith 1977; Landini & Monsignori Fossi 1984).
Depending on the dominant cooling mechanism, shocks may
be either radiative or adiabatic. As a result of the decrease of the
wind density with radius, shocks are typically radiative close to
the star and adiabatic in the outer wind parts. Because of their
large stellar radii, from Eq. (24) of Owocki et al. (2013) it fol-
lows that the transition from radiative to adiabatic shocks ap-
pears in B supergiants relatively close to the star at a typical
distance of few stellar radii.
5.6. Influence of the magnetic field
Although the Zeeman splitting does not directly affect the
wind mass-loss rate for typical magnetic fields detected in OB
stars (Krtička 2018), the magnetic field still affects the mass-
loss rate as a result of wind channelling along the field lines
(ud-Doula & Owocki 2002). The effect of the magnetic field
scales with the ratio of the magnetic field energy density to the
wind kinetic energy density, which at large distances from the
star simplifies to the wind magnetic confinement parameter of







where Beq is the equatorial field strength. For weak confinement,
η∗ . 1, the magnetic field opens up and the wind flows radially.
On the contrary, for strong confinement, η∗ & 1, the wind is
trapped by the magnetic field.
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The field strength in typical magnetic O stars is on the order of
1 kG (Donati et al. 2006; Wade et al. 2012). Assuming flux con-
servation, which is approximately valid in more massive mag-
netic chemically peculiar stars (Landstreet et al. 2007), the mag-
netic field strength in B supergiants is on the order of 10 G.
This is a typical strength of magnetic fields found in evolved BA
stars (Fossati et al. 2015; Neiner et al. 2017; Martin et al. 2018).
From Eq. (7), it follows that such fields are able to strongly con-
fine the stellar wind.
The angular momentum loss from magnetized wind leads
to rotational braking. In principle, this could provide additional
angular momentum loss required by evolutionary models with
low mass-loss rates to reproduce observed rotational velocities
(Keszthelyi et al. 2017). With an angular momentum constant k
on the order of 0.01 as derived from MESA evolutionary code
(Paxton et al. 2011, 2013) for a B supergiant stage of the star
with initial mass 40 M⊙, the magnetic braking timescale is on
the order of 1 Myr using Eq. (25) of Ud-Doula et al. (2009) and
typical wind parameters found in this work. This is order of mag-
nitude longer than the duration of B supergiant stage (Groh et al.
2014). From this it follows that the magnetic braking does not
likely significantly affect the rotational speed of B supergiants.
5.7. Pure absorption models
Analyzing the topology of wind solutions around the sonic
point, Poe et al. (1990) concluded that pure absorption models
have nodal topology instead of the saddle-type topology, which
would correspond to solar wind. This leads to a strong instability
of time-dependent pure absorption wind models (Owocki et al.
1988) and may prevent us from calculating time independent
models. However, the line emission may restore the saddle-
type topology and provide stability for time independent models
(Sundqvist & Owocki 2015).
To test this, we recalculated the wind model 275-60 neglect-
ing line emission in CMF radiative transfer equation and starting
with a converged model corresponding to a relatively low mass-
loss rate. It turned out that we were unable to converge the pure
absorption model. Therefore, the inclusion of the line emission
(scattering) is crucial to obtain well-converged wind models.
We further tested the solution topology around the sonic point,
thereby concluding that the wind has a saddle-type topology in
the case with emission, but a nodal topology without emission
(see Appendix A).
6. Conclusions
We provide global line-driven wind models for B supergiants
at the metallicity corresponding to our Galaxy. The structure of
the flow is determined consistently from the nearly hydrostatic
photosphere to the wind expanding with supersonic speed. The
winds are driven mostly by C, Si, and S for hotter B supergiants,
while iron dominates wind driving in cooler supergiants. We de-
termined basic wind parameters, that is, the mass-loss rates and
terminal velocities.
We generalized our formula for fast estimates of mass-loss
rate predictions of O stars to B supergiants as well (Eq. 3). The
mass-loss rate depends mostly on the stellar luminosity. The de-
pendence of the mass-loss rate on the effective temperature is
nonmonotonic. The mass-loss rates decrease with temperature
down to a minimum at about 22.5 kK. For cooler stars the mass-
loss rates gradually increase by a factor of about 6 in the region
of bistability. The increase is caused by recombination of iron
from Fe IV to Fe III. The mass-loss rates reach maximum at about
15 kK, where they start to decrease with temperature again.
The wind terminal velocity is proportional to the escape
speed for a given effective temperature, as can be seen from our
fitting formula Eq. (4). The ratio of the terminal velocity to the
escape speed decreases from about 2 – 3 at the hot side of the
region of iron recombination to about 0.5 – 1.5 at the cool side.
This nicely agrees with observations.
The comparison with mass-loss rates derived from observa-
tions is more problematic as a result of the effect of clumping on
the observational indicators. The mass-loss rates that are uncor-
rected for clumping are by a factor of 3 higher than the predic-
tions on the cool side of the bistability, while they are by a factor
of 9 higher than the predictions at the hot side of the bistability.
These differences can be alleviated by the influence of clumping
on observational determinations and on the predictions. Hence
clumping that decreases with temperature can resolve the dis-
crepancy between mass-loss rate estimates affected by clumping
and theoretical predictions (Driessen et al. 2019). On the other
hand, the mass-loss rate estimates that are not sensitive to clump-
ing reasonably agree with our predictions. Mass-loss rates de-
rived from X-ray line profiles, UV spectroscopy that accounts
from clumping, and stellar bow shocks are on average just by a
factor of 1.4 higher than our predictions.
The predicted mass-loss rates are by a factor of about 10
lower than values being used in current evolutionary mod-
els. Together with previous studies that predict a similar re-
duction of line-driven mass-loss rates (Krtička & Kubát 2017;
Sundqvist et al. 2019), this result calls for a re-evaluation of the
role of winds in evolution of massive stars.
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Appendix A: Solution topology around the sonic
point
As shown by Holzer (1977), the solution topology can be deter-










around the sonic point. In this equation, we neglected the radial
variations of the isothermal sound speed a, grad denotes the ra-
diative force, and v′ = dvdr . The momentum equation Eq. (A.1)











where we dropped the last term on the right-hand side of
Eq. (A.1), which is negligible for line-driven winds. At the sonic


















We assumed that grad is a function of radius and velocity only.
Close to the sonic point the derivative of the radiative force dom-
inates in the last bracket in Eq. (A.3), hence Eq. (A.3) has posi-




as was derived by Poe et al. (1990).
It is difficult to derive ∂grad/∂r directly from numerical mod-
els. However, the models give dgrad/dr from the radial depen-











The derivative ∂grad/∂v can be computed numerically from two
runs with slightly different velocity. We tested the solution topol-
ogy in the wind models with line emission using Eq. (A.4).
The partial derivative in Eq. (A.4) is positive implying sad-
dle topology around the sonic point, as already shown from
analytic calculations by Sundqvist & Owocki (2015). We note
that this holds even if the critical point of our wind models
appears downstream at the point where the wind velocity is
equal to the speed of radiative-accoustic waves (Abbott 1980;
Thomas & Feldmeier 2016).
Appendix B: Line strength distribution functions
The contribution of lines with different strengths to the radia-
tive force can be described using the line strength distribution
function (Castor et al. 1975b; Puls et al. 2000). The line strength
distribution function can be conveniently parameterized using k,
α, and δ parameters, which enable the simplification of the cal-
culation of the line force. Puls et al. (2000) showed that the α
parameter corresponds to the ratio of radiative force due to opti-
cally thick lines to the total line force.
Both optically thick and optically thin lines contribute to the




















Fig. B.1. Ratio of the radiative force due to the optically thick lines to
the total line force as a function of radius. The division between op-
tically thick and optically thin lines was selected at the unity radial
Sobolev optical depth. The figure was plotted for three selected mod-
els. The optical depths and the line force were calculated in the Sobolev
approximation.
the ratio of the optically thick line force to the total line force.
This ratio also corresponds to the α parameter and it should
be constant for line strength distribution function with uniform
shape. This is true in some parts of the figure for the low-density
100-40 model. However, the ratio significantly varies with ra-
dius for higher density model 150-40 as a result of curvature of
line strength distribution function. The line driving is dominated
by optically thick lines close to the star (for low velocities). The
density decreases with increasing velocity, thereby reducing the
number of optically thick lines. As a result, optically thin lines
become more important at larger radii. Abrupt changes of the
ratio appear owing to the change of the line strength from opti-
cally thick to optically thin for the unity optical depth. There are
more optically thick lines in the model 150-40 (mostly of iron),
consequently the variations are smoother in this model.
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